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Hi-GAL – the central part of the Milky Way

1000 parsec



The Interstellar Medium

Gas and dust between the stars

Buidling blocks for new stars

§ Hot ionised medium ~ 1.000.000 K (ionised)
§ Warm medium ~ 8.000 K (ionised & neutral)
§ Cold medium ~ 100 – 1.000 K (neutral)
§ Molecular ~ 5-100 K

Pressure equilibrium : Pressure ~ Density x Temperature ~ 104 K cm-3

è Stars are born in cold molecular gas

Matter is either molecular, atomic or ionised



Components & processes in the ISM
§ Gas: Hydrogen (75%), Helium (23%), and metals (2%)

§ Dust: either carbon or silicates; in the cold pahses
covered by ice. ≈75% of metals are in the dust

§ Radiation: stars, CMB, thermal dust radiation, line 
transitions from molecules and atoms

§ Cosmic rays: high energy particles produced in either 
supernova shock or extra galactic events (BHs, GRBs)

§ Magnetic fields: important for the dynamics in the ISM

§ ISM is turbulent: the HIM is sub-sonic, the WIM is 
transonic and the cold phases are supersonic. Typical 
velocities are similar



Energy density in the ISM
§ Thermal: 3/2 P = 1.3 ( P / 104 K cm-3 ) eV cm-3

§ Thermal radition from dust: 0.3 eV cm-3

§ Star light: 0.5 eV cm-3

§ CMB: 0.25 eV cm-3

§ Cosmic rays: ~1 eV cm-3

§ Magnetic: ½ B2 = 0.6 (B / 5 μG)2 eV cm-3

§ Turbulent: ½ ρ v2 = 2.1 (nH / 100 cm-3) (v / 2 km s-1)2

eV cm-3

All components are similar in size! Though with large 
fluctuations.
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Hot Ionized Medium T ~ 106 K

Milky Way: Filling factor: 20-70% (?) Mass: ?
Density: 10-4 – 10-2 cm-3

Temperature: 105-107 K

Totally ionised gas • Supernovae warm ISM up to 
millions of degrees

• Groups of massive stars make 
“super bubbles”

• Plasma rise from the disk in 
“galactic geysers”

• Above the disk the gas 
expands and cools

• The cool gas then falls back 
on to the disk

“Tychos SN”
In X-ray



Warm Ionised Medium T ~ 8,000 K

Milky Way: Filling factor: 20-50% (?) Mass: > 1.6 109 M¤
Density: 0.2 – 0.5 cm-3

Temperature: 8,000 K

HII – ionised gas • Massive O and B stars 
produce copious amounts 
of UV photons

• It creates Strömgren
spheres and large areas 
with ionized hydrogen

• Hydrogen recombines
with electrons populating 
higher energy levels and 
emitting e.g. in H-α lines



Neutral Medium T ~ 80-8,000 K

Milky Way: Filling factor: 10-20% Mass: > 6 109 M¤
Density: 0.2 – 100 cm-3

Temperature: 50-8,000 K

HI – neutral gas – here in the 21 cm line



Structure and thermodynamics of ISM
• Absorption and shocks à
Heating

• Emission lines due to 
collisions à cooling

• Chemical energy, bonds 
(e.g. recombination of 
hydrogen) à Thermostat!

• Approximate pressure 
balance between the 
phases (as long as gravity 
doesn’t play a role!)

[Tielens 2013]



Structure and thermodynamics of ISM
3.1 The Interstellar Medium 37

Fig. 3.2 A schematic view of
the LISM. The baseline of the
diagram is !1,500 lyr. The
black areas represent hot,
low-density regions, the gray
areas warm, more dense
diffuse gas. The dark circles
are molecular clouds and the
hatched circles major stellar
associations. Adapted from
an illustration by L. Huff
(American Scientist) and
P. Frisch (U. Chicago), 2001)

by the Lindblad Ring. On the other hand the LISM may also still be under the
influence of recent star-forming activity. The filaments reaching towards the Sun
in the diagram in Fig. 3.2 are warm, partly ionized gas shells resulting from star
formation 4–10 Myr ago in the Scorpius–Centaurus association [79].

3.1.4 Phases of the ISM

Everything that fills the space between the stars within the Galaxy constitutes the
ISM. This includes all radiation fields and magnetic fields, although this chapter
will concentrate mostly on the matter part. There is gas, which consists of atoms,
molecules, ions, and free electrons, and there is solid matter of a wide range of sizes,
from microscopic dust particles to larger, more complex, dust grains. Of interest
are ISM characteristics such as temperature, mass density, abundances of elements,
and chemical composition of molecules. The ISM appears in three phases, a cold
phase consisting of molecular and atomic hydrogen gas and dust, a warm phase
with atomic hydrogen and ionized hydrogen gas, and a hot phase with shocked gas
from supernova explosions as well as what is referred to as coronal gas (Table 3.1).

The phases of the ISM as decribed in Table 3.1 show temperature components
ranging from a mere 10 K to 104 K for the bulk of mass, with over 107 K in the
most extreme cases. This requires a variety of heating processes which purely for
comprehensive reasons may be characterized in three categories:

• by heating from radiation fields; photoelectric absorption in the neutral ISM
components, photodissociation in molecules, photo-ionization.

• by collisional heating from turbulent flows, supernova remnant shocks, and
cosmic rays.

• In reality the 
structure is much 
more complex

• Here illustrated 
by a map of the 
local ISM



ISM is also dynamic and very active

Gas density Gas temperature



Molecular gas

Milky Way: Filling factor: <1% Mass: ~2.5 109 M¤
Density: 102 – 106 cm-3

Temperature: 10-20 K

• Molecular hydrogen is the 
main constituent of the 
densest part of the ISM

• This is where stars are 
born

• H2 is hard to observe 
directly, but a lot of other 
molecules can be seen due 
to collisionally excited line 
transitions at sub-mm and 
radio frequencies



B V I

J H K

Dust

In the Milky Way the dust-to-gas mass is approximately 1:100 

• Reddening; depends on the size of the dust grains
• Scatters light, absorbs light, reemit it in IR - submm
• Dust can both acts as a cooling or heating agent via collisions
• Is an important catalysator for chemistry on the surface



Dust
production



Dust extinction

3.4 Interstellar Dust 67

the intrinsic color is known there is an average relation between color excess and
visual extinction that is commonly used:

AV D .3:1˙ 0:1/E.B ! V /; (3.24)

withRV D 3:1. Unfortunately there is yet no unique perception of how the extinction
of light by dust can be utilized to study not only the properties of dust itself, but also
its concentration in dense clouds or in the diffuse medium. Many attempts are being
made to study these properties continuously from the radio to ultraviolet wavelength
bands.

The use of parameterized extinction data [129] led to the derivation of an average
extinction law over the wavelength range of 3.5 !m to 0.125 !m [130]. The data
included UV observations from the International Ultraviolet Explorer (IUE) and
optical to near-IR observations for many lines of sight through the diffuse ISM, H II
regions, and molecular clouds. Ultimately a relation was determined between RV
and the relative extinction A"=AV . Figure 3.22 shows three cases of such a mean
extinction law. The line of sight towards the star BD C56 524 is specifically of low
dust density with RV D 2:75, while the line of sight toward Herschel 36, the central
star of the H II region Messier 8, is particularly dense with RV D 5.30. A standard
mean extinction law uses RV D 3.2 for the diffuse ISM (see also [131]).

Common in all these extinction laws is an excess at wave number "!1 D 4.6
!m!1, which corresponds to a wavelength of 2,175 Å. The peak wavenumber
seems quite stable with respect to RV . Since the excess is very strong it has to
be related to very abundant materials with large absorption strengths, like C, N,
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Fig. 3.22 Various extinction laws with respect to different lines of sight for a low-density case
(R D 2:75), for close to the diffuse ISM (R D 3:52), and a high-density case (R D 5:30) from
UV to IR. Adapted from Cardelli et al. [130]

Infrared UV
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Dust extinction – news from GAIA DR2



GAIA DR2: the (proto)stellar reference frame



Molecular Clouds and Star Formation
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FIG.  2.–Velocity-integrated CO map of the Milky Way. The angular resolution is 9´ over most
of the map, including the entire Galactic plane, but is lower (15´ or 30´) in some regions out
of the plane (see Fig. 1 & Table 1). The sensitivity varies somewhat from region to region,
since each component survey was integrated individually using moment masking or clipping
in order to display all statistically significant emission but little noise (see §2.2). A dotted line
marks the sampling boundaries, given in more detail in Fig. 1.

Molecular Clouds in the Milky Way

§ Molecular clouds can be observed in 
transitions in the CO molecule

§ CO J 1à0 transition is excited by just 5.5 K 
through collisions with H2

§ The relative strength of different rotational
transitions is directly related to the 
temperature (e.g. J 8à7 requires ~200 K)

§ The distance is related to the Doppler shift
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FIG.  3.—Longitude-velocity map of CO emission integrated over a strip ~4° wide in latitude
centered on the Galactic plane (see §2.2)—a latitude range adequate to include essentially all
emission beyond the Local spiral arm (i.e., at |v| > 20 km s–1). The map has been smoothed
in velocity to a resolution of 2 km s–1 and in longitude to a resolution of 12´. The sensitivity
varies somewhat over the map, since each component survey was integrated individually
using moment masking at the 3-σ level (see §2.2).
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Figure 2. Positions of the GRS molecular clouds covered by the UMSB 12CO
survey (black crosses) and outside of the UMSB coverage (red crosses). The
dashed circles indicate Galactocentric radii Rgal = 1–8 kpc, by steps of 1 kpc.
The solid circle indicates the solar circle. The white area corresponds to the
portion of the Galactic plane covered by the GRS. The artefact produced
by the alignment of clouds in an arc of circle is due to the tangent point.
Indeed, molecular clouds with radial velocities greater than the radial velocity
of the tangent point (due to uncertainties in the rotation curve and non-circular
motions) were assigned the distance of the tangent point.

used in other studies. For instance, they may be important to
constrain models of molecular cloud formation and evolution.
The masses and radii of molecular clouds might also be used
to predict gamma ray fluxes emanating from the interaction
between molecular clouds and cosmic rays (Aharonian et al.
2008; Gabici et al. 2009). Furthermore, the comparison of the
mass spectrum of molecular clouds to that of clumps and cores is
essential to understand the fragmentation process that leads from
molecular clouds to stars. Finally, the radius and mass spectra
of molecular clouds have been shown to result from the fractal
structure of the ISM (Elmegreen & Falgarone 1996). They are
therefore of great interest if one wants to constrain the fractal
dimension of the ISM. The histograms of the physical properties
(mass, radius, density, velocity dispersion, surface mass density,
and virial parameter) of the GRS molecular clouds are shown
in Figures 3 and 4.

6.1. Radius and Mass Distributions

The top panels of Figure 3 show the radius and mass spectra of
the sample of 750 GRS molecular clouds, Ψ(R) = dR/dln(R)
and Φ(M) = dN/dln(M). For M > 105 M⊙, the mass spectrum
follows a power law: Φ(M) ∝ M−1.64±0.25. The radius spectrum
also follows a power law for R > 10 pc: Ψ(R) ∝ R−3.90±0.65.
Within the error bars, the slope of the mass spectrum derived
in this paper is consistent with the value of −1.5 obtained in
previous work (e.g., Sanders et al. 1985; Solomon et al. 1987;
Williams & McKee 1997). The slope of the radius spectrum
is higher than the value obtained by Sanders et al. (1985), but
is consistent, within the error bars, with the radius distribution
obtained by Heyer et al. (2001).

Our sample of molecular clouds is complete above the
turnover mass of Mto = 4×104 M⊙, such that the slope of the
mass spectrum of molecular clouds should not be affected by

a lack of completeness. Our sample of molecular clouds was
identified in a version of the GRS smoothed to 6′ spatially and
to 0.6 km s−1 spectrally. GRS molecular clouds were detected by
CLUMPFIND as contiguous voxels of brightness temperature
greater than 0.2 K (Rathborne et al. 2009). Rathborne et al.
(2009) furthermore applied the condition that molecular cloud
candidates detected by CLUMPFIND must contain at least 16
smoothed voxels in order to be identified as a molecular cloud.
Assuming that the 13CO line is optically thin, the minimum mass
of a molecular cloud is given by

M

M⊙
! 0.05

d2

kpc2 Tex e
5.3
Tex × 16Tmin

∆ℓ
′

∆b
′

∆V

kms−1
, (14)

where d is the distance in kpc, Tex is the excitation temperature
in K, and Tmin = 0.2 K is the threshold brightness temperature
(corrected for beam efficiency). Hence, with Tex = 6.32 K (the
average value observed in the GRS), ∆ℓ = ∆b = 0.◦1, and ∆V =
0.6 km s−1, the completeness limit is Mmin = 50 d2

kpc, where dkpc

is the distance in kpc. Thus, Mmin = 200 M⊙ at 2 kpc, 1250 M⊙
at 5 kpc, 5000 M⊙ at 10 kpc, and 11250 M⊙ at 15 kpc. Since the
maximum distance probed by the GRS is 15 kpc (based on the
GRS Galactic longitude and velocity coverage), the turnover
mass is greater than the completeness limit of the GRS, and
the slope of the mass spectrum of molecular clouds above the
turnover mass should not be affected by completeness effects.

This calculation of the completeness limit does not take
into account confusion, which in reality has an effect on our
data. Confusion is more pronounced near the tangent point,
where large physical separations correspond to small radial
velocity differences. There is also the problem of molecular
clouds that have similar radial velocities, but are located on
either side of the tangent point, at the near and far kinematic
distances. In these cases, if the velocity difference between the
two clouds is small enough (typically less then the line width
of the clouds), the clump-finding algorithm used to identify
the GRS clouds, CLUMPFIND, will blend these two clouds
into a single object. The extent of the calculation and modeling
required to estimate how confusion affects the completeness
limit by far exceeds the scope of this paper. The blending of
two molecular clouds depends on many parameters such as the
geometry (their location in the Galaxy), the structure of large-
scale galactic features, the distance and radial velocity of the
clouds (related by the rotation curve), their line widths, radii,
angular separation, and the parameters used in CLUMPFIND.
Nonetheless, confusion in the GRS, which uses 13CO as a tracer,
is not nearly as severe as in surveys using the optically thick
12CO as a tracer for molecular gas.

It is worth mentioning that the GRS has a limited field of
view (FOV), only covering the Galactic latitude range −1◦ < b
< 1◦. This in principle imposes a limit on a maximum cloud’s
radius, Rmax, and mass, MFOV

max , detectable by the GRS. We can
use the relation between a cloud’s mass and radius derived in
Section 4 to estimate this maximum mass, with Rmax = πd/180.
Thus, we find MFOV

max = 1.96×105d2.36
kpc . We will however show in

Section 9.1 that this limit is never reached and thus does
not affect our sample of molecular clouds and their physical
properties.

6.2. Virial Parameter

The fourth panel of Figure 3 shows the histogram of the 750
molecular clouds’ virial parameter, the median value of which
is 0.46 ± 0.07. 70% of our molecular cloud sample (both in

CO J 1à0



§ Molecular clouds can be observed in 
transitions in the CO molecule

§ CO J 1à0 transition is excited by just 5.5 K 
through collisions with H2

§ The relative strength of different rotational
transitions is directly related to the 
temperature (e.g. J 8à7 requires ~200 K)

§ The distance is related to the Doppler shift
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FIG.  2.–Velocity-integrated CO map of the Milky Way. The angular resolution is 9´ over most
of the map, including the entire Galactic plane, but is lower (15´ or 30´) in some regions out
of the plane (see Fig. 1 & Table 1). The sensitivity varies somewhat from region to region,
since each component survey was integrated individually using moment masking or clipping
in order to display all statistically significant emission but little noise (see §2.2). A dotted line
marks the sampling boundaries, given in more detail in Fig. 1.
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FIG.  3.—Longitude-velocity map of CO emission integrated over a strip ~4° wide in latitude
centered on the Galactic plane (see §2.2)—a latitude range adequate to include essentially all
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in velocity to a resolution of 2 km s–1 and in longitude to a resolution of 12´. The sensitivity
varies somewhat over the map, since each component survey was integrated individually
using moment masking at the 3-σ level (see §2.2).
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Figure 2. Positions of the GRS molecular clouds covered by the UMSB 12CO
survey (black crosses) and outside of the UMSB coverage (red crosses). The
dashed circles indicate Galactocentric radii Rgal = 1–8 kpc, by steps of 1 kpc.
The solid circle indicates the solar circle. The white area corresponds to the
portion of the Galactic plane covered by the GRS. The artefact produced
by the alignment of clouds in an arc of circle is due to the tangent point.
Indeed, molecular clouds with radial velocities greater than the radial velocity
of the tangent point (due to uncertainties in the rotation curve and non-circular
motions) were assigned the distance of the tangent point.

used in other studies. For instance, they may be important to
constrain models of molecular cloud formation and evolution.
The masses and radii of molecular clouds might also be used
to predict gamma ray fluxes emanating from the interaction
between molecular clouds and cosmic rays (Aharonian et al.
2008; Gabici et al. 2009). Furthermore, the comparison of the
mass spectrum of molecular clouds to that of clumps and cores is
essential to understand the fragmentation process that leads from
molecular clouds to stars. Finally, the radius and mass spectra
of molecular clouds have been shown to result from the fractal
structure of the ISM (Elmegreen & Falgarone 1996). They are
therefore of great interest if one wants to constrain the fractal
dimension of the ISM. The histograms of the physical properties
(mass, radius, density, velocity dispersion, surface mass density,
and virial parameter) of the GRS molecular clouds are shown
in Figures 3 and 4.

6.1. Radius and Mass Distributions

The top panels of Figure 3 show the radius and mass spectra of
the sample of 750 GRS molecular clouds, Ψ(R) = dR/dln(R)
and Φ(M) = dN/dln(M). For M > 105 M⊙, the mass spectrum
follows a power law: Φ(M) ∝ M−1.64±0.25. The radius spectrum
also follows a power law for R > 10 pc: Ψ(R) ∝ R−3.90±0.65.
Within the error bars, the slope of the mass spectrum derived
in this paper is consistent with the value of −1.5 obtained in
previous work (e.g., Sanders et al. 1985; Solomon et al. 1987;
Williams & McKee 1997). The slope of the radius spectrum
is higher than the value obtained by Sanders et al. (1985), but
is consistent, within the error bars, with the radius distribution
obtained by Heyer et al. (2001).

Our sample of molecular clouds is complete above the
turnover mass of Mto = 4×104 M⊙, such that the slope of the
mass spectrum of molecular clouds should not be affected by

a lack of completeness. Our sample of molecular clouds was
identified in a version of the GRS smoothed to 6′ spatially and
to 0.6 km s−1 spectrally. GRS molecular clouds were detected by
CLUMPFIND as contiguous voxels of brightness temperature
greater than 0.2 K (Rathborne et al. 2009). Rathborne et al.
(2009) furthermore applied the condition that molecular cloud
candidates detected by CLUMPFIND must contain at least 16
smoothed voxels in order to be identified as a molecular cloud.
Assuming that the 13CO line is optically thin, the minimum mass
of a molecular cloud is given by

M

M⊙
! 0.05

d2

kpc2 Tex e
5.3
Tex × 16Tmin

∆ℓ
′

∆b
′

∆V

kms−1
, (14)

where d is the distance in kpc, Tex is the excitation temperature
in K, and Tmin = 0.2 K is the threshold brightness temperature
(corrected for beam efficiency). Hence, with Tex = 6.32 K (the
average value observed in the GRS), ∆ℓ = ∆b = 0.◦1, and ∆V =
0.6 km s−1, the completeness limit is Mmin = 50 d2

kpc, where dkpc

is the distance in kpc. Thus, Mmin = 200 M⊙ at 2 kpc, 1250 M⊙
at 5 kpc, 5000 M⊙ at 10 kpc, and 11250 M⊙ at 15 kpc. Since the
maximum distance probed by the GRS is 15 kpc (based on the
GRS Galactic longitude and velocity coverage), the turnover
mass is greater than the completeness limit of the GRS, and
the slope of the mass spectrum of molecular clouds above the
turnover mass should not be affected by completeness effects.

This calculation of the completeness limit does not take
into account confusion, which in reality has an effect on our
data. Confusion is more pronounced near the tangent point,
where large physical separations correspond to small radial
velocity differences. There is also the problem of molecular
clouds that have similar radial velocities, but are located on
either side of the tangent point, at the near and far kinematic
distances. In these cases, if the velocity difference between the
two clouds is small enough (typically less then the line width
of the clouds), the clump-finding algorithm used to identify
the GRS clouds, CLUMPFIND, will blend these two clouds
into a single object. The extent of the calculation and modeling
required to estimate how confusion affects the completeness
limit by far exceeds the scope of this paper. The blending of
two molecular clouds depends on many parameters such as the
geometry (their location in the Galaxy), the structure of large-
scale galactic features, the distance and radial velocity of the
clouds (related by the rotation curve), their line widths, radii,
angular separation, and the parameters used in CLUMPFIND.
Nonetheless, confusion in the GRS, which uses 13CO as a tracer,
is not nearly as severe as in surveys using the optically thick
12CO as a tracer for molecular gas.

It is worth mentioning that the GRS has a limited field of
view (FOV), only covering the Galactic latitude range −1◦ < b
< 1◦. This in principle imposes a limit on a maximum cloud’s
radius, Rmax, and mass, MFOV

max , detectable by the GRS. We can
use the relation between a cloud’s mass and radius derived in
Section 4 to estimate this maximum mass, with Rmax = πd/180.
Thus, we find MFOV

max = 1.96×105d2.36
kpc . We will however show in

Section 9.1 that this limit is never reached and thus does
not affect our sample of molecular clouds and their physical
properties.

6.2. Virial Parameter

The fourth panel of Figure 3 shows the histogram of the 750
molecular clouds’ virial parameter, the median value of which
is 0.46 ± 0.07. 70% of our molecular cloud sample (both in

CO J 1à0



Molecular clouds are mostly screened…
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Figure 1. Qualitative picture of carbon isotopic chemistry in molecular
clouds. The outer diffuse layer (grey) is followed by the translucent (yellow
and blue) and the inner, dense regions (orange). The font size of the chemical
species relates to the abundance of the species in the region. The font size
of chemical reactions indicates the importance of the reaction in the region,
the green and red colours represent reactions producing and destroying CO,
respectively. When a particular isotopic species is not indicated, then both
species are affected. Based on van Dishoeck & Black (1988).

frequently adopted ratios are between 57 (Langer & Penzias 1990)
and 69 (Wilson 1999), the measured average values for the ISM
within a few kpc of the Sun.

The gradient with Galactocentric distance and the 13C enhance-
ment in the solar neighbourhood compared to the Solar system value
could be interpreted in the framework of the carbon isotopic nucle-
osynthesis. 12C is the primary product of the triple-alpha process
during the post-red giant branch (RGB) evolution of massive stars.
The rarer 13C is produced from 12C as a secondary product in the
CNO cycle during the RGB phase of low- and intermediate-mass
stars. Due to the longer lifetime of low- and intermediate-mass
stars – which are the main contributors of 13C enrichment – the
12C/13C ratio is expected to decrease with time and to depend on
the star formation history (Audouze, Lequeux & Vigroux 1975).

More important for our problem, however, is the fact that the CO
isotope ratio could vary by a factor of a few even if the elemen-
tal 12C/13C ratio is constant in a region under investigation, due to
isotope-selective chemical processes. For example, van Dishoeck
& Black (1988) describe qualitatively the CO isotopic chemistry in
molecular clouds as follows (see Fig. 1). The preferred pathways
of CO production are the ion-neutral reaction of C+ and OH pro-
ducing HCO+, which dissociatively recombines to CO and H, and
the neutral–neutral reaction of CH or CH2 with an oxygen atom.
These reactions are not isotope selective and work (with varying
efficiency) in every region of the molecular cloud. In the diffuse
regions (grey, AV < 0.5 mag1), the photodissociation of CO by
interstellar far-ultraviolet (FUV) photons dominates over the pro-
duction reactions and most of the carbon is in ionized form. In
translucent regions (yellow, 1 mag < AV < 2 mag), the CO produc-
tion rates start to compete with the photodissociation. The 12CO
column density becomes high enough to effectively self-shield it-

1 The exact visual extinction values depend on the strength of the incident
radiation field and the density distribution.

self from the incident interstellar FUV photons. However, 13CO,
due to its slightly shifted absorption lines at UV wavelengths and
the lower abundance, is less effectively self-shielded. This dif-
ference in self-shielding, in principle, leads to isotope-selective
photodissociation. In practice, the selective photodissociation is ex-
pected to be dominant only in low density (n < 102 cm−3) domains
or in dense regions with very strong radiation fields (see Röllig &
Ossenkopf 2013). Further in (blue, 2 mag < AV < 5 mag), due to
the shielding by dust absorption and the increasing 13CO column
density, both isotopic species are effectively protected from FUV
photons. In this region, ionized carbon is still abundant and the

13C+ + 12CO ! 12C+ + 13CO + !E (1)

fractionation reaction (Watson, Anicich & Huntress 1976) becomes
important. At temperatures typical to the corresponding cloud
depths, the exothermic reaction (to the right, leads to energy re-
lease) is preferred, resulting in more 13CO production, and conse-
quently in a reduced isotope ratio. This reaction provides the main
13CO production and destruction paths in this region. On the other
hand, the destruction of 12CO is determined by the competing ef-
fects of photodissociation, chemical fractionation and dissociative
charge transfer with He+, while its production is mainly due to
the neutral–neutral reaction of light hydrocarbons with oxygen. At
the highest column densities (orange, AV > 5 mag), the CO chem-
istry is governed by non-isotope-selective reactions. The gas phase
production of both CO isotopes happens through HCO+ recombi-
nation and desorption from dust grains, while the main destruction
channels are the dissociative charge transfer with He+ and H+

3 ,
photodissociation by cosmic ray induced photons, and freeze-out
on to grains. As a result, the isotope ratio approaches to the ele-
mental (12C/13C) ratio. Due to these processes, we expect that the
CO isotope ratio varies significantly even within the same GMC.
In fact, observational studies report a factor of a few region-by-
region variations. In the case of the Taurus molecular cloud, the
indirect measurements of Goldsmith et al. (2008) and Pineda et al.
(2010) find isotope ratios between 30 and the canonical value of 69,
suggesting 13CO enrichment.

The direct determination of the 12CO/13CO ratio is usually
difficult and restricted to a certain column density range. For
instance, the ultraviolet and millimetre-wavelength absorption mea-
surements, such as presented by Sheffer et al. (2007), Sonnen-
trucker et al. (2007) and Liszt & Lucas (1998), require suitable
Galactic or extragalactic background sources and CO column den-
sities, which fall into the optically thin, diffuse regime (N(12CO) <

few × 1016 cm−2). Observations of millimetre-wavelength emission
from GMCs (e.g. Goldsmith et al. 2008; Pineda et al. 2008, 2010),
however, usually trace the higher CO column density regions, where
the isotope ratio–column density correlation is not constrained by
observations, and therefore as a ‘best guess’, a uniform isotope ratio
is adopted.

The inverse problem emerges when 13CO emission is inferred
from (magneto-)hydrodynamical simulations. The computational
cost of the chemical modelling scales with the cube of the number of
species considered (Glover & Clark 2012b). Even when only 14 self-
consistently calculated (i.e. not described by conservation laws),
non-equilibrium species are included in the network, the chemistry
will often be the dominating factor in terms of computational cost,
taking up to 90 per cent of the total computational time (Glover
et al. 2010; Glover & Clark 2012b). For the practical reason of
cost efficiency, usually only the most common isotope, 12CO is
included in the chemical networks. When observable quantities, like
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3.1 The Interstellar Medium 37

Fig. 3.2 A schematic view of
the LISM. The baseline of the
diagram is !1,500 lyr. The
black areas represent hot,
low-density regions, the gray
areas warm, more dense
diffuse gas. The dark circles
are molecular clouds and the
hatched circles major stellar
associations. Adapted from
an illustration by L. Huff
(American Scientist) and
P. Frisch (U. Chicago), 2001)

by the Lindblad Ring. On the other hand the LISM may also still be under the
influence of recent star-forming activity. The filaments reaching towards the Sun
in the diagram in Fig. 3.2 are warm, partly ionized gas shells resulting from star
formation 4–10 Myr ago in the Scorpius–Centaurus association [79].

3.1.4 Phases of the ISM

Everything that fills the space between the stars within the Galaxy constitutes the
ISM. This includes all radiation fields and magnetic fields, although this chapter
will concentrate mostly on the matter part. There is gas, which consists of atoms,
molecules, ions, and free electrons, and there is solid matter of a wide range of sizes,
from microscopic dust particles to larger, more complex, dust grains. Of interest
are ISM characteristics such as temperature, mass density, abundances of elements,
and chemical composition of molecules. The ISM appears in three phases, a cold
phase consisting of molecular and atomic hydrogen gas and dust, a warm phase
with atomic hydrogen and ionized hydrogen gas, and a hot phase with shocked gas
from supernova explosions as well as what is referred to as coronal gas (Table 3.1).

The phases of the ISM as decribed in Table 3.1 show temperature components
ranging from a mere 10 K to 104 K for the bulk of mass, with over 107 K in the
most extreme cases. This requires a variety of heating processes which purely for
comprehensive reasons may be characterized in three categories:

• by heating from radiation fields; photoelectric absorption in the neutral ISM
components, photodissociation in molecules, photo-ionization.

• by collisional heating from turbulent flows, supernova remnant shocks, and
cosmic rays.

≈30% of H2 gas
Is ”CO-Dark”



…though radiation feedback from 
massive stars may erode them away

HST: 30 Doradus
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a

b

c

Neutral hydrogen

Dust and molecules

Dense molecular region

Ionized hydrogen

UV radiation field

MC remnants

Dense cores

O star

Pillars

YSO with disk and outflow

(Cometary) globules

Cluster star (YSO)

Fig. 4.4 Three cloud configurations showing GMCs (configuration a), a GMC with an H II blister
(configuration b), and a giant H II region with molecular fragments (configuration c) with stars
forming in all of them. Such a sequence of configurations was proposed in order to understand the
formation of OB-associations [45]

only by progressing condensation into cluster stars as well as photoionization and
photoevaporation effects from massive stars. Any details from ionization of the
interstellar radiation field, internal cloud turbulence and velocity fields, and angular
momentum and magnetic fields have been neglected. This clearly only affects
molecular clouds at the top of the mass spectrum (see below). Molecular clouds
with masses of less than 105Mˇ are not likely to form massive stars. The limiting
probability that a molecular cloud of mass M does not contain an O-star is shown
in Fig. 4.5 [210]. Ultimately these configurations may serve as a formation scenario
for OB-associations [45].



What characterises molecular clouds ?

Serpens

Taurus

Rossetta

Hi-GAL

• Molecular clouds are found in many different 
sizes and are characterized by being dynamic and 
dominated by supersonic turbulence

• Molecular clouds are kept  in an isothermal 
balance by cosmic rays, lines and dust at ~10 K

• Their structure is hierarchical and the velocity, 
density, and mass are related to the size through 
the Larson relations (or “laws”) :

v ≈ 1 ( R / 1 pc ) 0.5 km s-1

M ≈ 230 ( R / 1 pc) 2.36 M¤
– 10 –

Fig. 1.— The composite δv, l relationship from PCA decompositions of 12CO J=1-0 imaging

observations of 27 individual molecular clouds. The small scatter of points attest to the near
invariance of interstellar turbulence within molecular clouds that exhibit a large range in

size, environment, and star formation activity. The large filled circles are the global velocity
dispersion and size for each cloud derived from the first principal component. These are
equivalent to the global velocity dispersion and size of the cloud as would be measured in

the cloud-to-cloud size-line width relationship (Larson 1981; Solomon et al. 1987). The light
solid line show the bisector fit to all points from all clouds. The heavy solid line shows the

bisector fit to the filled circles exclusively. The similarity of these two power laws explains
the connection of Larson’s cloud-to-cloud scaling law to the structure functions of individual
clouds.

[Heyer 2004]
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of each cloud and the virial parameter. Column 14 contains a
flag “i” indicating that the cloud is covered by the UMSB survey.

4. ON THE FRACTAL DIMENSION OF MOLECULAR
CLOUDS

A dew decades ago, molecular clouds were thought to be
isolated, well-defined objects formed by coalescence (Oort
1954; Field & Saslaw 1965) and sustained in equilibrium by
pressure from the hot inter-cloud medium. Since the 1980s, it
has been known that molecular clouds are in fact dense sub-
structures (n(H2) > a few hundred cm−3) in an underlying
turbulent, fractal multi gas phase ISM (Scalo 1985, 1988;
Falgarone 1989; Scalo 1990). Molecular clouds form in gas
overdensities resulting from supersonic turbulent flows. When
these overdensities reach a visual extinction greater than a
few tenths, molecules, such as H2 and CO, become shielded
from the photodissociating interstellar radiation field by dust
(Glover & Mac Low 2010; Wolfire et al. 2010). In this respect,
molecular cloud boundaries are observed to be fractal (Beech
1987; Scalo 1990; Zimmermann & Stutzki 1992). The interiors
of molecular clouds are also fractal in nature, as shown by their
power-law density spectra (Brunt et al. 2010), energy spectra
(J. Roman-Duval et al. 2011, in preparation), and size–line width
relation (Larson 1981; Heyer et al. 2009). On the smallest scales,
very dense (n(H2) > 105 cm−3) molecular cores give birth to
star clusters.

The fractal dimension of turbulent gas describes how com-
pletely it fills space as one zooms down to smaller and smaller
scales. In other words, the fractal dimension corresponds to
the degree of “sponginess.” The fractal dimension of molecular
clouds has so far been investigated via the perimeter–area rela-
tion (Beech 1987; Wakker 1990; Bazell & Desert 1988; Scalo
1990; Federrath et al. 2009), which relates the perimeter of a
molecular cloud to its projected area on the sky. It has how-
ever been shown by Mandelbrot & Whitrow (1983) that the
radii R and masses M of sub-structures in a fractal are related
via M ∝ RD. Because molecular clouds are sub-structures in
an underlying fractal ISM, one should in principle be able to
estimate the fractal dimension of the ISM within the range of
spatial scales covered by molecular clouds from the correlation
between the radii and masses of molecular clouds. Although
there are, in reality, other non-random mechanisms (e.g., spiral
density waves) that modulate the distribution of cloud masses,
treating molecular clouds as sub-structures in a fractal is a rea-
sonable zeroth-order approximation.

Figure 1 shows the correlation between molecular clouds’
radii and masses. The radii and masses of GRS molecular
clouds are related by a tight power-law correlation: M =
228 ± 18R2.36±0.04, of exponent D = 2.36 ± 0.04. Within
the error bars, this value is consistent with the value of D
derived in the literature (Falgarone & Phillips 1991; Elmegreen
& Falgarone 1996; Federrath et al. 2009). The slope of the
correlation was obtained by applying a chi-square minimization
between a linear model and the observed relation between the
logarithms of molecular clouds’ radii and masses, weighted
by the error on the mass. The error on the slope quoted
here thus corresponds to the error on the linear fit between
log(L) and log(M), including the error on the mass estimation
for each molecular cloud. The error cited here is quite small
(4%) compared to the error cited by Elmegreen & Falgarone
(1996) for instance (30%). The difference is due to the method
used to derived D. Elmegreen & Falgarone (1996) derived D
from several surveys, some of which do not contain nearly

Figure 1. Correlation between the masses and radii of molecular clouds.

as many molecular clouds as our sample. Hence, the errors
quoted for the fractal dimension derived from individual surveys
with small samples are larger than our error estimation. In
addition, the final value of D quoted by Elmegreen & Falgarone
(1996) corresponds to the average value yielded by all surveys,
and the error on this value reflects the dispersion between
the different surveys, reduced with different methods and
calibrations. However, Elmegreen & Falgarone (1996) find
D = 2.38 ± 0.09 for galactic clouds from Solomon et al. (1987)
and Dame et al. (1986), which is consistent with both our value
of D and our error calculation.

The value of D between 2 and 3 corresponds to a spongy
medium, which fills space more than simple sheets. This
seemingly universal value of D, also observed in atmospheric
clouds, could result from the intrinsic structure of supersonic,
intermittent turbulent flows (Sreenivasan & Meneveau 1986;
Meneveau & Sreenivasan 1990; Sreenivasan 1991).

5. DERIVATION OF THE MASSES OF MOLECULAR
CLOUDS OUTSIDE THE UMSB COVERAGE

The tight correlation between the radii and masses of molec-
ular clouds derived in Section 4 can be used to compute the
masses of molecular clouds located outside the UMSB cover-
age, knowing their radii from Section 3.4:

M = (228 ± 18)R2.36±0.04. (13)

The density and surface density of those molecular clouds can
then be derived using the method described in Section 3. We
thus extended our catalog of molecular cloud masses, densities,
and surface densities to the 750 objects for which kinematic
distances are available from Roman-Duval et al. (2009). The
online table includes GRS molecular clouds located outside the
UMSB survey coverage, which are flagged by an “o” in the last
column of the online table and have their temperature and optical
depth set to zero. Molecular clouds covered by the UMSB are
flagged by an “i.” Figure 2 shows the spatial distribution of GRS
molecular clouds covered by the UMSB survey, and outside its
coverage.

6. HISTOGRAMS OF MOLECULAR CLOUDS’ PHYSICAL
PROPERTIES

This section is intended to provide a range of values for
the physical properties of molecular clouds, that may later be

[Roman-Duval 2010]



What characterises molecular clouds ?

Serpens

Taurus

Rossetta

Hi-GAL

• Molecular clouds are found in many different 
sizes and are characterized by being dynamic and 
dominated by supersonic turbulence

• The number of clouds and sub-clouds as a 
function of mass also obey a power-law 
distribution

∆N  ∝ M-α ∆M, α ~ 1.8 
4.1 Global Cloud Properties 97

Fig. 4.9 Clump mass spectra of the four clumps. The dashed line marks the limit clump mass
sampling is incomplete (white bins). The solid line is the powerlaw fit to complete bins with slopes
˛M (from Simon et al. [247])

with a large ionizing luminosity [240] and high levels of star-formation activity, and
G216-2.5 with a very low luminosity and no star-forming activity [241], almost 100
clumps were found in each of the clouds with a very similar mass distribution [242].
Thus, the shape of the mass distribution of clumps and cores in a GMC does not
solely determine stellar formation; not every clump leads to a stellar cluster. In fact
all clumps in G216-2.5 and many clumps in the Rosette Molecular Cloud turn out
to be not gravitationally bound and thus would not form stars [243].

Clump mass functions in that respect are not expected to resemble cluster
mass functions (see Sect. 11.1.4) or the stellar IMF (see Sect. 3.5.2). Clump mass
functions have been derived from CO line surveys [245– 247] resulting in clump
functions

!N=!M / M!˛ (4.3)

with slopes ˛ between 1.6 and 1.8. which is considerably flatter than the Salpeter
slope of 2.35 and the stellar IMF in general. Figure 4.9 shows clump functions for
four clouds. Note that for the most luminous case W49 the slope appears much
flatter (see Sect. 9.3.3).

This result seemingly contradicts measurements in other star-forming regions
using dust observations in the far-IR and sub-mm range or extinction mapping which
do produce slopes close to the stellar IMF [248– 250]. The difference in power-law
mass distributions is attributed to the different density regimes the traces methods

The total mass is 
(marginally) dominated by 
the largest clouds  (α < 2)



What keeps a molecular cloud from collapsing?
We can use the Virial Theorem!

[Stahler & Palla]



Virial theorem

• Pre-conditions: is valid for an isolated system where the energy is 
conserved…

• …but the energy is not conserved at all in a molecular cloud!

• The cloud is kept tightly at ~10 K via dust and line cooling no matter 
how much kinetic energy is converted in to thermal energy by shocks…

• … but fortunately there is also ”fresh energy” injected from larger
scales

• For a typical cloud we have that the energy distribution is

Kinetic (T) ~ Gravitational (W) > Magnetic (M) >> Thermal (U)



Virial Number

• The ratio between kinetic and gravitational binding energy tells us 
something about how easy different parts of a molecular cloud can collapse. 
It is called the virial number:

!"#$ =
2'
( ≈ 5

3
,-./0 1
23

VIRIAL QUIZ!



• The ratio between kinetic and gravitational binding energy tells us 
something about how easy different parts of a molecular cloud can collapse. 
It is called the virial number:
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• What do you think the virial number can tell us:

• What happens if αvir<<1 ?

• What happens if αvir>>1 ?

• How does αvir affect the possibility of forming stars?

VIRIAL QUIZ!



Virial Number

• The ratio between kinetic and gravitational binding energy tells us 
something about how easy different parts of a molecular cloud can collapse. 
It is called the virial number:

!"#$ =
2'
( ≈ 5

3
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23

• A cloud with αvir< 1 collapse easier, and collapse is more widespread, while 
if αvir > 1 it is only those places where the turbulence compresses the gas 
sufficiently collapse commence.

• Magnetic fields gives extra support against the collapse – this is 
particularly true on small scales. A molecular cloud with magnetic fields will
collapse at a slower rate than one without, and there form stars at a lower
rate.



the surface density by letting area A = ⇡R2 and volume V = 4⇡/3R3

⇢ = M/V = (⌃A)/V = ⌃/(4/3R)

= 5.0777 10�21 ⌃

100M�pc�2

1 pc

R
g cm�3 (3)

n = 1280.9
⌃

100M�pc�2

2.37

µ

1 pc

R
cm�3 , (4)

where we have normalized the molecular weight to molecular hydrogen with
a solar composition As and alternative to the density, we can consider the
total mass of the cloud

M = ⇡⌃R2 (5)

The virial number is the ratio of the kinetic energy to the gravitational
binding energy. For a uniform sphere it is given as

↵vir =
2Ekin

Egrav
=

5�2
1DR

GM
, (6)

where

Ekin =
3

2
�2
1DM Egrav =

3GM2

5R
(7)

Given a density profile ⇢(r), a projection factor is needed to take in to account
the change in the gravitational binding energy

↵vir =
5�p�2

1DR

GM
, (8)

As an example, if ⇢(r) = ⇢RR/r, where R is the cloud size, the projection
factor becomes �p = 9/10. This projection factor was used in the Solomon
et al 1987 paper. Notice that 1/r is a quite steep departure from a uniform
cloud, and none-the-less the geometric factor is close to unity, showing that
the detailed density distribution of a given structure may not matter too
much. Only a highly fractal sub structure, with most of the mass in tightly
bound cores, may have a significantly higher binding energy than a smooth
profile, and there �p << 1.

2

Fig. 2.— SFR per free-fall time, SFR↵ , versus t↵/tdyn

(bottom abscissa) and ↵vir (top abscissa). The symbols for
each series of runs, where only the strength of gravity is
changed and Ms and MA are kept constant, are connected
by a line, to better distinguish each series. The two error
bars give the mean of SFR↵ , plus and minus the rms val-
ues, for each group of five 323-root-grid runs with identical
parameters (Ms ⇡ 10 and MA ⇡ 5), but different initial
conditions. The dashed line is an approximate exponential
fit to the minimum value of SFR↵ versus t↵/tdyn. From
Padoan et al. (2012), reproduced by permission of the AAS.

In their following work, Padoan et al. (2012) analyzed
an even larger parameter study, based on 45 AMR simu-
lations with the Ramses code, with a maximum resolution
equivalent to 32, 768

3 computational points. Thanks to the
very large dynamic range, they could adopt a threshold den-
sity for the creation of sink particles of ⇢max = 10

5
h⇢i,

much larger than in the uniform-grid simulations. The cre-
ation of a sink particle also required that the cell was at
a minimum of the gravitational potential, and that the ve-
locity divergence was negative. They explored two val-
ues of sonic Mach number, Ms = 10 and 20, four val-
ues of initial Alfvénic Mach number, MA = 1.25, 5, 20,
33, and seven values of the virial parameter, in the ap-
proximate range 0.2 < ↵vir < 20. Their results are pre-
sented in Figure 2, and can be summarized in three points:
i) SFR↵ decreases exponentially with increasing t↵/tdyn

(/ ↵
1/2
vir ), but is insensitive to changes in Ms (in the range

10  Ms  20), for constant values of t↵/tdyn and MA.
ii) Decreasing values of MA (increasing magnetic field
strength) reduce SFR↵ , but only to a point, beyond which
SFR↵ increases with a further decrease of MA. iii) For
values of MA characteristic of star-forming regions, SFR↵

varies with MA by less than a factor of two. Therefore,
Padoan et al. (2012) proposed a simple law for the SFR de-
pending only on t↵/tdyn, based on the empirical fit to the
minimum SFR↵ : SFR↵ ⇡ ✏ exp(�1.6 t↵/tdyn) (dashed
line in Figure 2), where ✏ is the core-to-star formation effi-
ciency.

These results were confirmed and extended in a third
parameter study by Federrath and Klessen (2012), based
on 34 uniform grid simulations with the Flash code, using
a resolution of up to 5123 computational points (plus one
AMR run with maximum resolution equivalent to 1, 024

3

computational points). Six of their runs include a magnetic
field, covering the range 1.3  MA  13, but all with ap-
proximately the same sonic Mach number, Ms ⇡ 10, so
the lack of dependence of SFR↵ on Ms found by Padoan
et al. (2012) could not be verified. On the other hand, the
28 runs without magnetic fields span a wide range of values
of sonic Mach number, 2.9  Ms  52, which allowed
Federrath and Klessen (2012) to confirm the analytical and
numerical result of Padoan and Nordlund (2011), that in
the non-magnetized case SFR↵ increases with increasing
Ms. Federrath and Klessen (2012) also studied the effect
of varying b (the ratio of compressible to total energy in the
turbulence driving), and carried out a systematic compari-
son of their simulations with the predictions of SFR models
and observations (see Sections 4.4 and 5.1, respectively).

Federrath and Klessen (2012) found that both Ms and
b can introduce order-of-magnitude variations in SFR↵ , in
the absence of magnetic fields. Increasing b and Ms pro-
duces a wider density PDF (see eqs. 5 and 6) and thus
pushes a larger fraction of gas above the critical density
for star formation, increasing SFR↵ (a larger Ms results
in a larger critical density, but also in a shorter free-fall time
at such density). For purely compressive driving, Feder-
rath and Klessen (2012) found a 4⇥ higher SFR↵ , when
increasing Ms from 5 to 50. For fixed Ms = 10, which is
a reasonable average Mach number for Milky Way clouds,
they found that purely compressive (curl-free, b = 1) driv-
ing yields about 10⇥ higher SFR↵ compared to purely
solenoidal (divergence-free, b = 1/3) driving. The increase
of SFR↵ for compressive driving is caused by the denser
structures (filaments and cores) produced with such driv-
ing, which are more gravitationally bound than the struc-
tures produced with purely solenoidal driving.

Increasing the magnetic field strength and thus decreas-
ing �, reduces SFR↵ . Numerical simulations by Padoan
and Nordlund (2011), Padoan et al. (2012) and by Feder-
rath and Klessen (2012) quantify the effect of the magnetic
field and find a maximum reduction of the SFR by a factor
of 2–3 in strongly magnetized, trans- to sub-Alfvénic turbu-
lence compared to purely hydrodynamic turbulence. This is
a relatively small change in SFR↵ compared to changes in-
duced by ↵vir, Ms, and b, in the absence of magnetic fields.

4.4 Comparison with Theoretical Models

To compare them with numerical results, we separate the
theories of the SFR into six cases (see Section 3.3), named
‘KM’, ‘PN’, ‘HC’, and ‘multi-ff KM’, ‘multi-ff PN’, ‘multi-
ff HC’, following the notation in Hennebelle and Chabrier
(2011) and Federrath and Klessen (2012). The first three
represent the original analytical derivations by Krumholz
and McKee (2005), Padoan and Nordlund (2011), and Hen-
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the surface density by letting area A = ⇡R2 and volume V = 4⇡/3R3

⇢ = M/V = (⌃A)/V = ⌃/(4/3R)

= 5.0777 10�21 ⌃

100M�pc�2

1 pc

R
g cm�3 (3)

n = 1280.9
⌃

100M�pc�2

2.37

µ

1 pc

R
cm�3 , (4)

where we have normalized the molecular weight to molecular hydrogen with
a solar composition As and alternative to the density, we can consider the
total mass of the cloud

M = ⇡⌃R2 (5)

The virial number is the ratio of the kinetic energy to the gravitational
binding energy. For a uniform sphere it is given as

↵vir =
2Ekin

Egrav
=

5�2
1DR

GM
, (6)

where

Ekin =
3

2
�2
1DM Egrav =

3GM2

5R
(7)

Given a density profile ⇢(r), a projection factor is needed to take in to account
the change in the gravitational binding energy

↵vir =
5�p�2

1DR

GM
, (8)

As an example, if ⇢(r) = ⇢RR/r, where R is the cloud size, the projection
factor becomes �p = 9/10. This projection factor was used in the Solomon
et al 1987 paper. Notice that 1/r is a quite steep departure from a uniform
cloud, and none-the-less the geometric factor is close to unity, showing that
the detailed density distribution of a given structure may not matter too
much. Only a highly fractal sub structure, with most of the mass in tightly
bound cores, may have a significantly higher binding energy than a smooth
profile, and there �p << 1.

2

Fig. 2.— SFR per free-fall time, SFR↵ , versus t↵/tdyn

(bottom abscissa) and ↵vir (top abscissa). The symbols for
each series of runs, where only the strength of gravity is
changed and Ms and MA are kept constant, are connected
by a line, to better distinguish each series. The two error
bars give the mean of SFR↵ , plus and minus the rms val-
ues, for each group of five 323-root-grid runs with identical
parameters (Ms ⇡ 10 and MA ⇡ 5), but different initial
conditions. The dashed line is an approximate exponential
fit to the minimum value of SFR↵ versus t↵/tdyn. From
Padoan et al. (2012), reproduced by permission of the AAS.

In their following work, Padoan et al. (2012) analyzed
an even larger parameter study, based on 45 AMR simu-
lations with the Ramses code, with a maximum resolution
equivalent to 32, 768

3 computational points. Thanks to the
very large dynamic range, they could adopt a threshold den-
sity for the creation of sink particles of ⇢max = 10

5
h⇢i,

much larger than in the uniform-grid simulations. The cre-
ation of a sink particle also required that the cell was at
a minimum of the gravitational potential, and that the ve-
locity divergence was negative. They explored two val-
ues of sonic Mach number, Ms = 10 and 20, four val-
ues of initial Alfvénic Mach number, MA = 1.25, 5, 20,
33, and seven values of the virial parameter, in the ap-
proximate range 0.2 < ↵vir < 20. Their results are pre-
sented in Figure 2, and can be summarized in three points:
i) SFR↵ decreases exponentially with increasing t↵/tdyn

(/ ↵
1/2
vir ), but is insensitive to changes in Ms (in the range

10  Ms  20), for constant values of t↵/tdyn and MA.
ii) Decreasing values of MA (increasing magnetic field
strength) reduce SFR↵ , but only to a point, beyond which
SFR↵ increases with a further decrease of MA. iii) For
values of MA characteristic of star-forming regions, SFR↵

varies with MA by less than a factor of two. Therefore,
Padoan et al. (2012) proposed a simple law for the SFR de-
pending only on t↵/tdyn, based on the empirical fit to the
minimum SFR↵ : SFR↵ ⇡ ✏ exp(�1.6 t↵/tdyn) (dashed
line in Figure 2), where ✏ is the core-to-star formation effi-
ciency.

These results were confirmed and extended in a third
parameter study by Federrath and Klessen (2012), based
on 34 uniform grid simulations with the Flash code, using
a resolution of up to 5123 computational points (plus one
AMR run with maximum resolution equivalent to 1, 024

3

computational points). Six of their runs include a magnetic
field, covering the range 1.3  MA  13, but all with ap-
proximately the same sonic Mach number, Ms ⇡ 10, so
the lack of dependence of SFR↵ on Ms found by Padoan
et al. (2012) could not be verified. On the other hand, the
28 runs without magnetic fields span a wide range of values
of sonic Mach number, 2.9  Ms  52, which allowed
Federrath and Klessen (2012) to confirm the analytical and
numerical result of Padoan and Nordlund (2011), that in
the non-magnetized case SFR↵ increases with increasing
Ms. Federrath and Klessen (2012) also studied the effect
of varying b (the ratio of compressible to total energy in the
turbulence driving), and carried out a systematic compari-
son of their simulations with the predictions of SFR models
and observations (see Sections 4.4 and 5.1, respectively).

Federrath and Klessen (2012) found that both Ms and
b can introduce order-of-magnitude variations in SFR↵ , in
the absence of magnetic fields. Increasing b and Ms pro-
duces a wider density PDF (see eqs. 5 and 6) and thus
pushes a larger fraction of gas above the critical density
for star formation, increasing SFR↵ (a larger Ms results
in a larger critical density, but also in a shorter free-fall time
at such density). For purely compressive driving, Feder-
rath and Klessen (2012) found a 4⇥ higher SFR↵ , when
increasing Ms from 5 to 50. For fixed Ms = 10, which is
a reasonable average Mach number for Milky Way clouds,
they found that purely compressive (curl-free, b = 1) driv-
ing yields about 10⇥ higher SFR↵ compared to purely
solenoidal (divergence-free, b = 1/3) driving. The increase
of SFR↵ for compressive driving is caused by the denser
structures (filaments and cores) produced with such driv-
ing, which are more gravitationally bound than the struc-
tures produced with purely solenoidal driving.

Increasing the magnetic field strength and thus decreas-
ing �, reduces SFR↵ . Numerical simulations by Padoan
and Nordlund (2011), Padoan et al. (2012) and by Feder-
rath and Klessen (2012) quantify the effect of the magnetic
field and find a maximum reduction of the SFR by a factor
of 2–3 in strongly magnetized, trans- to sub-Alfvénic turbu-
lence compared to purely hydrodynamic turbulence. This is
a relatively small change in SFR↵ compared to changes in-
duced by ↵vir, Ms, and b, in the absence of magnetic fields.

4.4 Comparison with Theoretical Models

To compare them with numerical results, we separate the
theories of the SFR into six cases (see Section 3.3), named
‘KM’, ‘PN’, ‘HC’, and ‘multi-ff KM’, ‘multi-ff PN’, ‘multi-
ff HC’, following the notation in Hennebelle and Chabrier
(2011) and Federrath and Klessen (2012). The first three
represent the original analytical derivations by Krumholz
and McKee (2005), Padoan and Nordlund (2011), and Hen-
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If αvir is low, the SFE rises 
exponentially leading to 
feedback, injecting more 
energy, and regulating the 
process.

Most stars will be formed in 
(sub)-clouds where αvir ≤ 1 
due to the exponential 
dependence

The Starformation rate

Adding magnetic 
fields lowers SFR 
by a factor of ≈3. 
Radiation has a 
similar effect.

This can be used as input 
for starformation models 
in galaxy formation!

[Padoan+2012]
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But what drives the turbulence ?
• Galactic shear ?
• Spiral waves ?
• Supernovae ?
• Outflows / jets ?
• Stellar winds ?
• Ionizing radiation ?



But what drives the turbulence ?
• Galactic shear ?
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Fig. 1.— The composite δv, l relationship from PCA decompositions of 12CO J=1-0 imaging

observations of 27 individual molecular clouds. The small scatter of points attest to the near
invariance of interstellar turbulence within molecular clouds that exhibit a large range in

size, environment, and star formation activity. The large filled circles are the global velocity
dispersion and size for each cloud derived from the first principal component. These are
equivalent to the global velocity dispersion and size of the cloud as would be measured in

the cloud-to-cloud size-line width relationship (Larson 1981; Solomon et al. 1987). The light
solid line show the bisector fit to all points from all clouds. The heavy solid line shows the

bisector fit to the filled circles exclusively. The similarity of these two power laws explains
the connection of Larson’s cloud-to-cloud scaling law to the structure functions of individual
clouds.
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But what drives the turbulence ?
• Galactic shear ?
• Spiral waves ?
• Supernovae ?
• Outflows / jets ?
• Stellar winds ?
• Ionizing radiation ?

J. Alves et al.: The mass function of dense molecular cores and the origin of the IMF L19

Lombardi & Alves 2001). Such measurements are free from
many of the complications and systematic uncertainties that
plague molecular-line or dust emission data and thus enable ro-
bust maps of cloud structure to be constructed. We used data
from the recent wide-field extinction map of the Pipe Nebula
constructed by Lombardi et al. (2006), hereafter LAL06, using
2MASS data. The Pipe nebula is a virtually unstudied nearby
molecular cloud complex (Onishi et al. 1999; LAL06), at a dis-
tance of about 130 pc and with a total mass of ∼104 M⊙.

2. Observations

The details of the extinction study are described in LAL06.
Briefly, this molecular complex was selected because 1) this is
one of the closest to Earth complexes of this size and mass, 2)
it is particularly well positioned along a relatively clean line of
sight to the rich star field of the Galactic bulge, which given
the close distance of the Pipe nebula allowed us to achieve spa-
tial resolutions of ∼0.03 pc, or about 3 times smaller the typical
dense core size, and 3) it exhibits very low levels of star forma-
tion suggesting that its dense cores likely represent a fair sam-
ple of the initial conditions of star formation. LAL06 applied a
3-band (1.25 µm, 1.65 µm, 2.2 µm) optimized version of this ex-
tinction method, the NICER method (Lombardi & Alves 2001),
to about 4 million stars background to the Pipe nebula complex
to construct a 6◦ × 8◦ dust column density map of this complex,
presented in Fig. 1. Because of the high dynamic range in col-
umn density achieved by this map (3σ ∼ 0.5 < AV < 24 mag
or 1021 < NH < 5 × 1022 cm−2), cores are easily visually identi-
fied as high contrast peaks embedded on rather smooth but vari-
able background (see Fig. 1). Unfortunately, because of the high
dynamic range and variable background, traditional source ex-
traction algorithms based on thresholding fail to identify these
objects in a coherent way. An alternative approach is to extract
cores based on their sizes, using a multi-scale algorithm. For this
study we used a algorithm developed by Vandame (2006, private
comm.), which, in brief, uses the wavelet transform of the image
to first identify and then reconstruct the dense cores1. This step
defines the projected core boundaries.

Masses are derived by integrating the extinction map over
the area of each core and multiplying by the standard gas-to-dust
ratio. The final Pipe core sample has 159 objects with effective
diameters between 0.1 and 0.4 pc (median size is 0.18 pc) and
peak extinctions that range from 3.0 to 24.3 visual magnitudes
(mean extinction is 8.4 mag). The derived core masses range be-
tween 0.5 to 28 M⊙. The assessment of sample completeness
is non trivial because of the variable background. Nevertheless,
the completeness should not be dominated by confusion but
sensitivity, as the mean separation between cores, even in the
clustered regions, is well above the resolution of the map. We

1 Object identification in wavelet space: for a given scale i, structures
are isolated with classical thresholding at 3σi with σi being the noise
amplitude at scale i. A structure at scale i is connected with a structure
at scale i + 1 if its local maxima drops in the structure at scale i + 1.
The size scales considered were 2′, 4′, and 8′ (0.08 pc, 0.15 pc, and
0.30 pc). One then builds a 3D distribution of significant structures (x,
y, and i). The algorithm developed by Vandame (2006, private comm.)
offers rules that split the 3D distribution into independent trees corre-
sponding to one core and its corresponding hierarchical details. Object
reconstruction: This same algorithm performs a complex iterative re-
construction of the cores following the trees defined in the previous
step. The final “cores only” image is validated by subtracting it from
the extinction map, effectively creating a smooth image of the variable
background.
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Fig. 2. Mass function of dense molecular cores plotted as filled circles
with error bars. The grey line is the stellar IMF for the Trapezium cluster
(Muench et al. 2002). The dashed grey line represents the stellar IMF
in binned form matching the resolution of the data and shifted to higher
masses by about a factor of 4. The dense core mass function is similar
in shape to the stellar IMF function, apart from a uniform star formation
efficiency factor.

estimate, conservatively, that the sample is 90% complete at
about 1 M⊙. The mean diameter of a 1 M⊙ core is ∼0.2 pc, i.e.,
about six times the resolution of the map.

3. Results: The Dense Core Mass Function (DCMF)

The dense core mass function we derive from the above ob-
servations is presented in Fig. 22. For comparison we plot the
Trapezium cluster stellar IMF as a grey solid line (Muench
et al. 2002). This IMF consists of 3 power law segments with
breaks and 0.6 M⊙ and 0.12 M⊙. We find that the DCMF for the
Pipe Nebula is surprisingly similar in shape to the stellar IMF.
Specifically, both distributions are characterized by a Salpeter-
like power-law (Salpeter 1955) that rises with decreasing mass
until reaching a distinct break point, this is then followed by a
broad peak. Although similar in shape, the stellar and core mass
functions are characterized by decidedly different mass scales.
The grey dashed line in Fig. 2 is not a fit to the data but sim-
ply the stellar IMF in binned form matched to the resolution of
the data, and shifted by a factor of 4 to the higher masses. The
break from the Salpeter-like slope seems to occur between 2 and
3 M⊙ for the cloud cores instead of the 0.6 M⊙ for the stellar case
(Muench et al. 2002).

The DCMF in Fig. 2 likely suffers from two sources of uncer-
tainty: 1) the individual core masses are likely upper limits to the
true values since we made no corrections for the local extended
background on which most cores are embedded, and 2) the par-
ticular binning we chose may not produce the most accurate
representation of the underlying mass distribution. To address
point 1) we estimated a lower limit to the true core masses (and
the DCMF) by subtracting from each core its local background.
We then constructed a background subtracted DCMF and found

2 The full dataset is available in electronic form at the CDS.

Small scale processes
• Outflows / jets
• Stellar winds
• Ionizing radiation
reduces the efficiency, and
may help in dispersing clusters

-50% à -75%

[Alves 2007]

CENTRE FOR STAR AND PLANET FORMATION
A research centre for cosmochemistry, astrophysics and astronomy

… a different view

Offner et al. 2014

To form stars, material must fall inwards!



Supernovae feedback as a driver in Molecular clouds

[Padoan et al 2017]
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• Is it feedback from the massive stars?
à No! Not directly; small clouds also dissolve

• Is it because they run out of material?
à No! Molecular clouds do not use up their gas reservoir

• What is it then?
• It is the kinetic energy input from larger scales than the cloud – Molecular cloud
lifetime is on the order of the dynamical time ( tdyn ~ R / vRMS )
• Molecular clouds are transient, and often dominated by inertia though
sometimes by gravity (giving birth to compact clusters)Supernova Driving. I. The Origin of Molecular Cloud Turbulence 19

Fig. 22.— Cloud lifetime versus cloud dynamical time for clouds
with measured dispersion and formation times (filled circles).
Clouds with only dispersion or formation times are plotted as
empty circles and empty squares respectively. The dashed line
corresponds to tlife = 2 tdyn, the long-dashed line to tlife = 4 tdyn.

ratio is consistent with the measured formation times
of the most massive MCs in the simulation. Figure 23
shows that the four most massive GMCs, with masses
around 105 M�, have htform/tdyni close to two, which
would imply htlife/tdyni ⇡ 4, in the absence of selection
biases due to the limited time interval covered by the
tracer particles.
Furthermore, while we cannot use all the values of

tform and tdisp from Figure 21 to estimate an unbiased
average lifetime from htlifei ⇡ 2htformi ⇡ 2htdispi, we
can still use all of the corresponding ratios, tform/tdyn
and tdisp/tdyn, to estimate an unbiased average ra-
tio of lifetime to dynamical time from htlife/tdyni ⇡
2htform/tdyni ⇡ 2htdisp/tdyni, if we assume that this ra-
tio is independent of cloud mass. Indeed, the dashed
and dotted lines in Figure 23 show that htform/tdyni ⇡
htdisp/tdyni ⇡ 2, using values over the whole mass range,
consistent with the estimate htlife/tdyni ⇡ 4, based on
clouds with Mcl . 6⇥ 103 M�.
This result shows that both the formation and the dis-

persion of the MCs in our sample take two dynamical
times, on average. This is an indication that both the
formation and the dispersion of the MCs in our sample
is controlled by the turbulence, with little influence of
self-gravity. Because of the non-negligible scatter in the
ratio of cloud lifetime to dynamical time, one may expect
that at least the clouds with the largest ratios may have
longer lifetime due to their self-gravity. This is not the
case: we have verified that there is actually a positive cor-
relation between tlife/tdyn and ↵vir,meaning that larger
values of tlife/tdyn are usually due to smaller values of
tdyn because of larger �v (hence larger ↵vir), rather than
longer tlife as a consequence of a lower ↵vir. Thus, there
is no significant imprint of self-gravity in the cloud life-
times, even if more than half of our clouds are selected at
a time after self-gravity has been included in the simula-
tion. Future simulations, where selfconsistent supernova
feedback allows longer runs with selfgravity, are needed
to test if this lack of significant imprint of selfgravity con-
tinues, and if it extends to MCs with longer lifetimes and
to higher surface density MCs.
We should also stress the caveat that, for the most mas-

Fig. 23.— Ratio of lifetime to dynamical time versus mass for
the same clouds as in Figure 22. The long-dashed line shows the
mean ratio for the clouds with both dispersion and formation times
measured (filled circles), h(tform + tdisp)/tdyni = 4.5. The dotted
and the dashed lines the mean ratio for clouds with only formation
or dispersion times respectively, htform/tdyni = 2.2, htdisp/tdyni =
2.4. All these average values are consistent with htlife/tdyni ⇡ 4,
independent of cloud mass.

sive MCs of ⇠ 105 M� we could only measure formation
times, and not dispersion times, due to their long lifetime
(and dynamical time) and the limited duration of the
simulation. Thus, we cannot rule out that, at least the
most massive MCs, could have dispersion times signifi-
cantly longer than two dynamical times. However, that
would imply dispersion times longer than 20 Myr (life-
times longer than 40 Myr) for such clouds, a timescale
over which the extra energy injection from SN explo-
sions of locally formed massive stars would presumably
succeed in dispersing the clouds, even if the general ISM
turbulence could not (see discussion in §2.1).
To derive actual values of cloud lifetime as a function

of cloud mass, taking advantage of our result (17), we
can use the expression (25) for the average cloud dynam-
ical time derived in §10.4, which gives an average cloud
lifetime of

tlife = 22.5Myr (Mcl/10
4 M�)

0.25. (18)

9. MAGNETIC FIELD IN MCS AND MC FORMATION

Our simulation adopts a mean magnetic-field strength
consistent with the Galactic one (see §2), so the magnetic
field inside clouds selected from the simulation should be
comparable to that in real MCs. We have already shown
in Figures 4 and 5 that the mean magnetic energy is not
far from equipartition with the mean thermal and kinetic
energies averaged over the whole volume, while the en-
ergy ratios are much larger in the dense gas. This clear
energy separation in dense gas, with hEk,d/Em,di = 25.1
and hEm,d/Eth,di = 9.8, is the necessary consequence
of the near equipartition at the largest scales. Being
only mildly super-Alfvénic, large-scale compressive mo-
tions cannot compress the mean magnetic field by a large
factor, so the density enhancement of MCs is largely
achieved with compressions along field lines, resulting in
a mean magnetic field strength in the dense gas not much
larger than the total mean field. The mean magnetic field
of 4.6 µG is amplified by the SN-driven turbulence to an
rms value of 7.2 µG, averaged over the whole volume and

Why are molecular clouds assembled and dissolve?Why are molecular clouds born and how do they die?



Spiral Arms
• OK, so supernovae are really good at putting kinetic energy in to the ISM; 
but what about the spiral arms?

M51

Colors:

Blue: H2 (CO)

Red: HI

• Spiral arms are density waves in the galaxy. The higher density give

• shorter time scales

• better possibility of cooling the gas (cooling time ~ n2)

• if there isn’t a large difference in the velocity dispersion, the arms also 
have a lower virial number, and therefore more star formation

• But spiral arms are not feedback regulated, and Supernovae are; they will 
maintain the turbulence in the star forming regions and act as security 
valves.

PAWS survey



Where are stars formed?

From filaments to cores



Low mass star formation

Numerical models with different environments: Mbox=1500-12000 Msun

Observations with Herschel of the Aquila region

[Haugbølle+2018]

V. Könyves et al.: Herschel Gould Belt survey for prestellar cores in Aquila

Fig. 1. a) H2 column density map of the Aquila region at 18.2′′ angular resolution, as derived from HGBS data using the method described in
Sect. 4.1. b) Same map as in the left panel with the positions of the 446 candidate prestellar cores and 58 protostellar cores identified in the Herschel
images with getsources (see Sects. 4.4 and 4.5) shown as black and magenta triangles, respectively. Yellow triangles locate additional prestellar
and protostellar cores which were excluded from the analysis and discussion of this paper, due to likely contamination by more distant objects
belonging to background CO clouds at significantly higher LSR velocities than the bulk of the Aquila complex (cf. Sect. 4.3). The orientation of
the galactic coordinate axes is indicated at the lower right of each panel. The lower left edge of the map is oriented almost parallel to the galactic
longitude axis at Gb ∼ 2◦ above the Galactic plane. (Color figure is available in the online version.)

reprojecting them on the same grid. Using the evolved pointing
products in the Herschel system, a good match was found be-
tween the intensity peaks seen in the SPIRE and PACS maps on
a resampled 2′′/pixel scale grid. The 3′′/pixel maps used in the
present analysis are thus well registered and have a relative as-
trometric consistency better than 2′′. The absolute astrometry of
the Herschel images was also compared with publicly-available
Spitzer data, as well as high-positional accuracy (<1′′) 3 mm
IRAM Plateau de Bure observations of a small field at the cen-
ter of the Serpens South filament (Maury et al. 2011). The final
absolute astrometric accuracy of the Herschel maps is estimated
to be better than 3′′.

The parallel-mode PACS and SPIRE maps used in this pa-
per were all converted to MJy/sr units and reprojected to a com-
mon 3′′ pixel grid. The conversion of the PACS maps from
Jy/3′′-pixel units to MJy/sr units was obtained using a square
pixel area of 9 arcsec2. For the SPIRE unit conversion from
Jy/beam to MJy/sr units, we assumed the beam areas measured
in 1′′-pixel beam maps by the SPIRE ICC, as given in Table 5.2
of the SPIRE Observer’s Manual v.2.2 (29 Nov. 2010), namely
426 arcsec2, 771 arcsec2, 1626 arcsec2 at 250 µm, 350 µm,
500 µm, respectively. The half-power beam width (HPBW)
resolutions of the maps are 8.4′′, 13.5′′, 18.2′′, 24.9′′, and
36.3′′ at 70 µm, 160µm, 250µm, 350µm, and 500µm, respec-
tively. These high-quality maps are publicly available from the
Herschel Gould Belt Survey Archive6.

6 http://gouldbelt-herschel.cea.fr/archives. The column
density and temperature maps derived in Sect. 4.1 at 36.3′′ resolution
can also be retrieved from the same website.

4. Results and analysis

4.1. Dust temperature and column density maps

We used the Herschel images to construct an H2 column density
map (NH2 , Fig. 1) and a dust temperature map (Td, Fig. 2) of
the Aquila field. We first smoothed all Herschel images (repro-
jected to the same 3′′ pixel grid – see above) to the 36.3′′ HPBW
resolution of the SPIRE 500 µm data.

A zero-level offset, obtained by correlating the Herschel
data with Planck and IRAS data (cf. Bernard et al. 2010), was
also added at this stage to each Herschel map. The added off-
set values were 27.7, 159.9, 169.7, 94.4, and 41.5 MJy/sr at
70, 160, 250, 350, and 500 µm, respectively. Assuming opti-
cally thin dust emission at a single temperature Td for each
map pixel, we then fitted a modified blackbody function of the
form Iν = Bν(Td)κνΣ to the four observed data points from
160 µm to 500 µm on a pixel-by-pixel basis, where Iν is the sur-
face brightness at frequency ν and Bν(Td) is the Planck black-
body function. Each SED data point was weighted by 1/σ2

cal,
where σcal corresponds to the absolute calibration error (20%
of the intensity at 160 µm and 10% for the SPIRE bands). We
adopted a power law approximation to the dust opacity law per
unit mass (of dust+gas) at submillimeter wavelengths, namely
κλ = 0.1 × (λ/300 µm)−β cm2/g, and fixed the dust emissivity
index β to 2 (cf. Hildebrand 1983). Based on a detailed com-
parison of the Herschel results with the near-infrared extinction
study of Alves et al. (2001) for the starless core B68, Roy et al.
(2014) concluded that these dust opacity assumptions are likely
appropriate to better than 50% accuracy over the whole range of
H2 column densities between ∼3 × 1021 cm−2 and ∼1023 cm−2.
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Low mass star formation

Numerical models with different environments: Mbox=1500-12000 Msun

Observations with Herschel of the Aquila region
V. Könyves et al.: Herschel Gould Belt survey for prestellar cores in Aquila

Fig. 1. a) H2 column density map of the Aquila region at 18.2′′ angular resolution, as derived from HGBS data using the method described in
Sect. 4.1. b) Same map as in the left panel with the positions of the 446 candidate prestellar cores and 58 protostellar cores identified in the Herschel
images with getsources (see Sects. 4.4 and 4.5) shown as black and magenta triangles, respectively. Yellow triangles locate additional prestellar
and protostellar cores which were excluded from the analysis and discussion of this paper, due to likely contamination by more distant objects
belonging to background CO clouds at significantly higher LSR velocities than the bulk of the Aquila complex (cf. Sect. 4.3). The orientation of
the galactic coordinate axes is indicated at the lower right of each panel. The lower left edge of the map is oriented almost parallel to the galactic
longitude axis at Gb ∼ 2◦ above the Galactic plane. (Color figure is available in the online version.)

reprojecting them on the same grid. Using the evolved pointing
products in the Herschel system, a good match was found be-
tween the intensity peaks seen in the SPIRE and PACS maps on
a resampled 2′′/pixel scale grid. The 3′′/pixel maps used in the
present analysis are thus well registered and have a relative as-
trometric consistency better than 2′′. The absolute astrometry of
the Herschel images was also compared with publicly-available
Spitzer data, as well as high-positional accuracy (<1′′) 3 mm
IRAM Plateau de Bure observations of a small field at the cen-
ter of the Serpens South filament (Maury et al. 2011). The final
absolute astrometric accuracy of the Herschel maps is estimated
to be better than 3′′.

The parallel-mode PACS and SPIRE maps used in this pa-
per were all converted to MJy/sr units and reprojected to a com-
mon 3′′ pixel grid. The conversion of the PACS maps from
Jy/3′′-pixel units to MJy/sr units was obtained using a square
pixel area of 9 arcsec2. For the SPIRE unit conversion from
Jy/beam to MJy/sr units, we assumed the beam areas measured
in 1′′-pixel beam maps by the SPIRE ICC, as given in Table 5.2
of the SPIRE Observer’s Manual v.2.2 (29 Nov. 2010), namely
426 arcsec2, 771 arcsec2, 1626 arcsec2 at 250 µm, 350 µm,
500 µm, respectively. The half-power beam width (HPBW)
resolutions of the maps are 8.4′′, 13.5′′, 18.2′′, 24.9′′, and
36.3′′ at 70 µm, 160µm, 250µm, 350µm, and 500µm, respec-
tively. These high-quality maps are publicly available from the
Herschel Gould Belt Survey Archive6.

6 http://gouldbelt-herschel.cea.fr/archives. The column
density and temperature maps derived in Sect. 4.1 at 36.3′′ resolution
can also be retrieved from the same website.

4. Results and analysis
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We used the Herschel images to construct an H2 column density
map (NH2 , Fig. 1) and a dust temperature map (Td, Fig. 2) of
the Aquila field. We first smoothed all Herschel images (repro-
jected to the same 3′′ pixel grid – see above) to the 36.3′′ HPBW
resolution of the SPIRE 500 µm data.

A zero-level offset, obtained by correlating the Herschel
data with Planck and IRAS data (cf. Bernard et al. 2010), was
also added at this stage to each Herschel map. The added off-
set values were 27.7, 159.9, 169.7, 94.4, and 41.5 MJy/sr at
70, 160, 250, 350, and 500 µm, respectively. Assuming opti-
cally thin dust emission at a single temperature Td for each
map pixel, we then fitted a modified blackbody function of the
form Iν = Bν(Td)κνΣ to the four observed data points from
160 µm to 500 µm on a pixel-by-pixel basis, where Iν is the sur-
face brightness at frequency ν and Bν(Td) is the Planck black-
body function. Each SED data point was weighted by 1/σ2

cal,
where σcal corresponds to the absolute calibration error (20%
of the intensity at 160 µm and 10% for the SPIRE bands). We
adopted a power law approximation to the dust opacity law per
unit mass (of dust+gas) at submillimeter wavelengths, namely
κλ = 0.1 × (λ/300 µm)−β cm2/g, and fixed the dust emissivity
index β to 2 (cf. Hildebrand 1983). Based on a detailed com-
parison of the Herschel results with the near-infrared extinction
study of Alves et al. (2001) for the starless core B68, Roy et al.
(2014) concluded that these dust opacity assumptions are likely
appropriate to better than 50% accuracy over the whole range of
H2 column densities between ∼3 × 1021 cm−2 and ∼1023 cm−2.
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Sect. 4.1. b) Same map as in the left panel with the positions of the 446 candidate prestellar cores and 58 protostellar cores identified in the Herschel
images with getsources (see Sects. 4.4 and 4.5) shown as black and magenta triangles, respectively. Yellow triangles locate additional prestellar
and protostellar cores which were excluded from the analysis and discussion of this paper, due to likely contamination by more distant objects
belonging to background CO clouds at significantly higher LSR velocities than the bulk of the Aquila complex (cf. Sect. 4.3). The orientation of
the galactic coordinate axes is indicated at the lower right of each panel. The lower left edge of the map is oriented almost parallel to the galactic
longitude axis at Gb ∼ 2◦ above the Galactic plane. (Color figure is available in the online version.)
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Spitzer data, as well as high-positional accuracy (<1′′) 3 mm
IRAM Plateau de Bure observations of a small field at the cen-
ter of the Serpens South filament (Maury et al. 2011). The final
absolute astrometric accuracy of the Herschel maps is estimated
to be better than 3′′.

The parallel-mode PACS and SPIRE maps used in this pa-
per were all converted to MJy/sr units and reprojected to a com-
mon 3′′ pixel grid. The conversion of the PACS maps from
Jy/3′′-pixel units to MJy/sr units was obtained using a square
pixel area of 9 arcsec2. For the SPIRE unit conversion from
Jy/beam to MJy/sr units, we assumed the beam areas measured
in 1′′-pixel beam maps by the SPIRE ICC, as given in Table 5.2
of the SPIRE Observer’s Manual v.2.2 (29 Nov. 2010), namely
426 arcsec2, 771 arcsec2, 1626 arcsec2 at 250 µm, 350 µm,
500 µm, respectively. The half-power beam width (HPBW)
resolutions of the maps are 8.4′′, 13.5′′, 18.2′′, 24.9′′, and
36.3′′ at 70 µm, 160µm, 250µm, 350µm, and 500µm, respec-
tively. These high-quality maps are publicly available from the
Herschel Gould Belt Survey Archive6.

6 http://gouldbelt-herschel.cea.fr/archives. The column
density and temperature maps derived in Sect. 4.1 at 36.3′′ resolution
can also be retrieved from the same website.

4. Results and analysis

4.1. Dust temperature and column density maps

We used the Herschel images to construct an H2 column density
map (NH2 , Fig. 1) and a dust temperature map (Td, Fig. 2) of
the Aquila field. We first smoothed all Herschel images (repro-
jected to the same 3′′ pixel grid – see above) to the 36.3′′ HPBW
resolution of the SPIRE 500 µm data.

A zero-level offset, obtained by correlating the Herschel
data with Planck and IRAS data (cf. Bernard et al. 2010), was
also added at this stage to each Herschel map. The added off-
set values were 27.7, 159.9, 169.7, 94.4, and 41.5 MJy/sr at
70, 160, 250, 350, and 500 µm, respectively. Assuming opti-
cally thin dust emission at a single temperature Td for each
map pixel, we then fitted a modified blackbody function of the
form Iν = Bν(Td)κνΣ to the four observed data points from
160 µm to 500 µm on a pixel-by-pixel basis, where Iν is the sur-
face brightness at frequency ν and Bν(Td) is the Planck black-
body function. Each SED data point was weighted by 1/σ2

cal,
where σcal corresponds to the absolute calibration error (20%
of the intensity at 160 µm and 10% for the SPIRE bands). We
adopted a power law approximation to the dust opacity law per
unit mass (of dust+gas) at submillimeter wavelengths, namely
κλ = 0.1 × (λ/300 µm)−β cm2/g, and fixed the dust emissivity
index β to 2 (cf. Hildebrand 1983). Based on a detailed com-
parison of the Herschel results with the near-infrared extinction
study of Alves et al. (2001) for the starless core B68, Roy et al.
(2014) concluded that these dust opacity assumptions are likely
appropriate to better than 50% accuracy over the whole range of
H2 column densities between ∼3 × 1021 cm−2 and ∼1023 cm−2.
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Low-mass star formation

• Stars form along the filaments
• They are fed from a ”core”
• It is not a classical ”10.000 AU 

nice and spherical core”
• Cores can be partly overlapping 

with a filament
• Observationally and numerically

often seen at then end-point of a 
filament (bar instability?)

• Interaction of cores naturally
gives multiplicity
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Figure 3

The Cygnus X molecular cloud complex imaged in (Left): at 1.2 mm with the IRAM 30 m and in
(Right): at 250µm, 160µm, and 70µm (RGB) with Herschel. The mosaics approximately cover
the northern part of Cygnus X (Left) and the 5� ⇥ 2.5� (or 120 pc⇥ 60 pc) area of the complete
Cygnus X complex (Right). Left: At the center of the CygX-North complex, one finds a
5 pc-long dominating filament called the DR21 ridge. It contains half of the Cygnus X MDCs.
Right: The blue di↵use emission corresponds to the photo-dissociation region associated with the
massive Cyg OB2 cluster. Earlier stage star-forming sites are themselves seen as pink filaments
and MDCs. Adapted from Motte et al. (2007) and Schneider et al. (2016) with permission.

hosting IR-quiet high-mass protostars, i.e. protostellar embryos of masses smaller than

8 M� surrounded by 0.02 pc envelopes massive enough to form at least one high-mass star

(Motte et al. 2007). As a matter of fact, the five most massive IR-quiet MDCs have been

confirmed to host nine individual high-mass protostars, driving outflows (Bontemps et al.

2010b).

The velocity dispersion of IR-quiet MDCs, estimated from the width of molecular lines
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Fig. 1. a) Mid-infrared Spitzer composite image (red: 8 µm; green: 4.5 µm; blue: 3.6 µm) of SDC335. The 6 filaments identified by eye are
indicated with yellow dashed lines, emphasizing their converging pattern. The di↵use 4.5 µm emission associated with the two IR sources in the
centre is usually interpreted as a signature of powerful outflow activity. The positions of the two cores are marked with black crosses. b) Herschel

column density image of SDC335. The locations of the filaments and cores are marked similarly as in the a) panel. The final angular resolution
of this image is 2500 (yellow circle), that of Herschel at 350 µm (see text). The contours range from 3.5 ⇥ 1022 to 9.5 ⇥ 1022 cm�2 in steps of
2 ⇥ 1022 cm�2, and from 2.15 ⇥ 1023 to 4.15 ⇥ 1023 cm�2 in steps of 1 ⇥ 1023 cm�2. The two yellow contours define the regions in which we
calculated the SDC335 and Centre region masses quoted in Table 1. c) ALMA 3.2 mm dust continuum emission of the central region of SDC335
where two cores are identified, MM1 and MM2. The rms noise is 0.4 mJy/beam. The contours range from 2 to 22 in steps of 5 mJy/beam, and
from 22 to 62 in steps of 10 mJy/beam. The yellow ellipse represents the ALMA beam size.

witnessing the early stages of the formation of, at least, two mas-
sive stars.

The goal of this paper is to map the dense gas kinematics of
SDC335 and analyse it in the context of massive star formation
scenarios. In Sect. 2 we describe the observations. In Sect. 3
we discuss the mass partition in SDC335, and Sect. 4 presents
observations of the SDC335 dense gas kinematics. Finally, we
discus our results and their implications in Sect. 5, the summary
and conclusions are presented in Sect. 6.

2. Observations

2.1. Spitzer and Herschel observations

We used publicly available1
Spitzer GLIMPSE data (Churchwell

et al. 2009). The angular resolution of the 8 µm data is ⇠200.
We also used the PACS (Poglitsch et al. 2010) 160 µm and
SPIRE (Gri�n et al. 2010) 350 µm Herschel (Pilbratt et al. 2010)
data from the Hi-GAL survey (Molinari et al. 2010). These data
were reduced as described in Traficante et al. (2011), using the
ROMAGAL map making algorithm. The nominal angular reso-
lution at these two wavelengths are 1200 and 2500.

2.2. Mopra observations

In May 2010 we observed SDC335 with the ATNF Mopra
22 m single-dish telescope. We observed transitions including
HCO+(1�0), H13CO+(1�0) and N2H+(1�0) in a 50⇥50 field cen-
tred on SDC335. We performed on-the-fly observations, switch-
ing to an o↵-position free of dense gas emission. Pointing was
checked every hour and was found to be better than 1000. We used
the zoom mode of the MOPS spectrometer providing a velocity
resolution of 0.1 km s�1. The angular resolution of these 3 mm

1 http://irsa.ipac.caltech.edu/data/SPITZER/GLIMPSE

Mopra observation is ⇠3700 and the rms noise is 0.1 K on the T
⇤
A

scale (⇠0.2 K on the Tmb scale because the beam e�ciency fac-
tor is ⇠2 at 93 GHz on Mopra � Ladd et al. 2005).

2.3. ALMA observations

In September and November 2011 we observed SDC335
at 3 mm wavelength with the 16 antennas of ALMA (Cycle 0) in
its compact configuration. We performed an 11-pointing mosaic
covering the entire area seen in extinction with Spitzer (Fig. 1a).
We simultaneously observed the 3.2 mm dust continuum, along
with the CH3OH(13�12) and N2H+(1�0) transitions at a spec-
tral resolution of ⇠0.1 km s�1. Flux and phase calibration were
performed on Neptune and B1600-445, respectively. The data
were reduced using CASA2 (McMullin et al. 2007). The synthe-
sized beam is 5.600 ⇥4.000 with a position angle of +97�. The rms
noise in the continuum is 0.4 mJy/beam, while for the line we
reach an rms sensitivity of 14 mJy/beam (⇠0.08 K).

As with any interferometer, ALMA filters out large-scale
emission. To recover this emission, we used the Mopra single-
dish data to provide the short-spacing information, for which
we used the GILDAS3 software. This combination significantly
improved the image quality, in particular in the central re-
gion of SDC335. The rms noise on these combined datacubes
is 0.14 Jy/beam (⇠0.8 K), significantly higher than the ALMA-
only dataset. This reflects the higher noise of the Mopra dataset
per ALMA beam.

3. Mass partition in SDC335

The mid-infrared composite image of SDC335 is displayed
in Fig. 1a. In extinction we easily identify a network of six

2 http://casa.nrao.edu
3 http://www.iram.fr/IRAMFR/GILDAS
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Massive star formation – a single core
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Figure 8

Schematic evolutionary diagram proposed for the formation of high-mass stars. (1) Massive
filaments and spherical clumps, called ridges and hubs, host massive dense cores (MDCs, 0.1 pc)
forming high-mass stars. (2) During their starless phase, MDCs only harbor low-mass prestellar
cores. (3) IR-quiet MDCs become protostellar when hosting a stellar embryo of low-mass. The
local, 0.02 pc, protostellar collapse is accompanied by the global, 0.1� 1 pc, collapse of MDCs and
ridges/hubs. (4) Protostellar envelopes feed from these gravitationally-driven inflows, leading to
the formation of high-mass protostars. The latter are IR-quiet as long as their stellar embryos
remain low-mass. (5) High-mass protostars become IR-bright for stellar embryos with mass larger
than 8 M�. (6) The main accretion phase terminates when the stellar UV field ionizes the
protostellar envelope and an HII region develops. Adapted from Tigé et al. (2017) with permission.
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• Massive stars form at 
special locations 
called ”ridges” or 
”hubs”

• They are born in 
”massive dense 
cores” (MDC)

• MDCs feed from the 
filaments, while 
accretion is ongoing

• Notice! This picture is 
at odds with both 
”core accretion” and 
”competitive 
accretion”

• Eventually radiation 
shuts down the 
process



The Star – Gas life-cycle in a Galaxy



Summary
• Star formation happens in cold molecular clouds, and most probably

drives feedback in a closed loop. Feedback is both internal and 
external to a cloud.

• The star formation rate depends exponentially on the virial number.

• Low-mass stars forms essentially from collapsing cores.

• Formation of massive stars takes a longer time, and they are fed by 
both the cores and the filaments.

• On the largest scales galactic shear & spiral arms may help fueling
star formation, but they can only be sub-dominant or the supernovae
feedback will start to inject even more energy in to the system.

• Understanding star formation is a multi-physics, multi-scale problem, 
but recently a lot of head-way has been made through a 
combination of better observations and better models.
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